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Abstract
Scalar field with generalized kinetic interactions metamorphoses depending on its field value,
ranging from cosmological constant to stiff matter. We show that such a scalar field can give
rise to temporal enhancement of the curvature perturbation in the primordial Universe, leading to
efficient production of primordial black holes while the enhancement persists. If the inflation energy
scale is high, those mini-black holes evaporate by the Hawking radiation much before Big Bang
nucleosynthesis and the effective reheating of the Universe is achieved by the black hole evaporation.
Dominance of PBHs and the reheating by their evaporation modify the expansion history of the
primordial Universe. This results in a characteristic feature of the spectrum of primordial tensor
modes in the DECIGO frequency band, opening an interesting possibility of testing PBH reheating
scenario by measuring the primordial tensor modes. If the inflation energy scale is low, the PBH
mass can be much larger than the solar mass. In this case, PBH is an interesting candidate for
seeds for supermassive black holes residing in present galaxies.
PACS numbers: 98.80.-k
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I. INTRODUCTION
Precise measurements of the cosmic microwave background (CMB) anisotropies lead to
a major progress in understanding the nature of inflaton [1]. This scenario underlies the as-
sumption that the curvature perturbation at the epoch of last scattering is directly generated
from the quantum fluctuations of the inflaton field. Ever since the curvature perturbation
is generated during inflation, it preserves a constant value on large scales (for instance, [2]).
It has been found, on the other hand, that a light field with insignificant energy den-
sity during inflation may affect the dynamics of the curvature perturbation [3–5]. In the
curvaton model [6–8], a representative scenario alternative to the standard one, a canonical
massive scalar field called curvaton oscillates about its potential minimum in the radiation
dominated era after curvaton mass becomes comparable to the Hubble parameter. Such
an oscillating curvaton behaves as dust and it gradually dominates the energy density in a
radiation dominated era. Fraction of curvaton energy density becomes maximal just before
the curvaton decays into other relativistic particles and the curvature perturbation is dom-
inantly generated in this period [9]. Once generated, the curvature perturbation remains
constant until it reenters the Hubble horizon. Notice that the total amplitude of the cur-
vature perturbation is a monotonically increasing function of time. This fact is true even if
the initial curvature perturbation generated by inflaton is taken into account [10].
On the other hand, it has been found that the rise of a scalar field from a subsidiary
energy density may occur solely due to its kinetic energy. By introducing a non-canonical
kinetic interaction, k-essence exhibits a cosmic fluid with a time varying equation of state
that depends on the dominant energy density of the universe [11–13]. Attractor solutions are
known to exist, which drive the scalar field to behave as a cosmological constant while being
subdominant. Indeed, this class of model is incorporated in the kinetic gravity braiding
theory [14, 15] (also known as generalized Galileon [16]), where an evolution crossing into
the phantom regime is realized without instability. In either case, the scalar field may acquire
a negative pressure so that its density increases with the cosmic expansion. Suppose such a
field exists during inflation, it can easily dominate the universe in the primordial Universe
to start the second inflation or can change into stiff matter(w = 1) which decays faster than
radiation [17, 18].
In this work, we consider a spectator field, a scalar field with negligible energy density
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during inflation, which has generalized kinetic interactions. Due to the rapid cosmic ex-
pansion, this spectator field evolves into the attractor that gives a negative pressure to the
field. As a result, energy density of this field relatively increases in the post-inflationary
epoch. We explore a practical example in which the spectator field undergoes a transition
from the negative pressure fluid to stiff matter through the internal field evolution during
the radiation dominated epoch. Given that the relative energy density of the spectator field
takes a maximum during the transition, the curvature perturbation in this scenario exhibits
a temporal enhancement, which is prohibited in the original curvaton scenario [10].
Although the curvature perturbation temporally generated by the spectator field is not
observed in the CMB anisotropies, a temporarily large curvature perturbation leads to for-
mations of primordial black holes (PBHs) at the epoch when such perturbation reenters the
Hubble horizon [19]. In the model we consider in this paper, PBH mass is small so that
PBHs evaporate by the Hawking radiation much before Big Bang nucleosynthesis. If PBHs
dominate the Universe before evaporation, radiation generated by the BH evaporation over-
whelms the original radiation of inflaton origin and all the matter in the present Universe
comes from the PBHs. In this sense, the effective reheating of the Universe occurs when the
PBHs evaporate. Dominance of PBHs and the reheating by their evaporation modify the
expansion history of the primordial Universe. This results in a characteristic feature of the
tensor mode spectrum as the red-tilt (Ωgw ∝ f−2) slope in a frequency range corresponding
to PBH dominated epoch and the (almost) flat spectrum outside that range. Interestingly,
this range naturally falls into the DECIGO band and thus our scenario can be tested by
measuring the primordial tensor modes.
The rest of the paper is organized as follows. In Section II, we define model of a spectator
field we study in this paper and solve the background dynamics both during and after infla-
tion. In Section III, we first study perturbation of the spectator field and then compute the
curvature perturbation sourced by the field. In Section IV, we discuss the PBH production
from the temporally enhanced curvature perturbation and its observational test. Finally,
Section V is devoted to conclusion.
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II. SCALAR FIELD WITH GENERALIZED KINETIC ENERGY
A. Model
In this section, we aim to show a model of a spectator scalar field φ that is not an
oscillating massive scalar but gradually occupies a significant fraction of energy density in
the post-inflationary epoch. Specifically, we consider the case in which φ has a noncanonical
kinetic interaction K(φ,X) that vanishes as X ≡ −gµν∇µφ∇νφ/2→ 0. This is to say that φ
is exactly massless without any potential, in contrast to the previously mentioned curvaton
field.
Throughout this paper, we consider the following Lagrangian of the form:
Lφ = K(φ,X)− λ
M3
Xφ, K(φ,X) = A(φ)X +
X2
2M4
, (1)
where λ > 0 and M > 0 are parameters and φ ≡ gµν∇µ∇νφ. The higher-order kinetic
coupling Xφ is known as the Galileon-type interaction [20–22]. As a working example
which allows analytical computations, we consider A(φ) given by
A(φ) =


−1 φ < −µ,
φ/µ −µ ≤ φ ≤ µ,
1 φ > µ,
(2)
which has shape changes at φ = ±µ. Such an adhoc functional shape of A(φ) may be
justified if A(φ) is actually determined by another scalar field σ as A(φ(σ)) and σ undergoes
a phase transition as φ evolves to change its amplitude abruptly. In the same spirit, curvature
perturbation in an inflation model with a potential whose slope changes abruptly has been
investigated in [23].
For |φ| > µ, the Lagrangian is invariant under constant shift of φ, i.e., φ→ φ+ c. Note
that the quadratic kinetic interaction X2 can stabilize the theory even when A < 0 [24]. This
is similar to the Higgs phenomena where a quartic self-interaction with positive coupling
constant can give a stable vaccum to a scalar field with negative quadratic mass term. Here,
a phase transition of φ is led by the change sign of A from negative to positive.
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The energy-momentum tensor can be divided as T φµν = T
K
µν +
λ
M3
TGµν with
TKµν = KX∇µφ∇νφ+ gµνK, (3)
TGµν = gµν∇λX∇λφ− 2∇(µX∇ν)φ−φ∇µφ∇νφ. (4)
In terms of the Noether current Jµ, associated with the constant shift transformation
φ→ φ+ c, the equation of motion is given by
∇µJµ = Kφ, (5)
Jµ = KX∇µφ+ λ
M3
(∇µ∇νφ∇νφ−φ∇µφ), (6)
where Kφ ≡ ∂K/∂φ. On the FLRW background, we obtain the field energy density and
pressure as
ρφ = 2XKX −K + 3 λ
M3
Hφ˙3, (7)
pφ = K − 2 λ
M3
Xφ¨. (8)
The equation of motion (5) of the homogeneous scalar field reads
J˙0 + 3HJ0 = Kφ, (9)
where J0 = φ˙(KX + 3λHφ˙/M
3) is the charge density.
B. Dynamics of the spectator field
We assume that φ is moving in the shift symmetric phase, i.e., φ≪ −µ in the inflationary
period and reaches transition region |φ| < µ in the post-inflationary epoch. The dynamics
in the shift symmetric phase is relatively simple due to vanishing of the r. h. s. of Eq. (9).
Since the solution in terms of J0 is given by J0 = C/a
3 (C : integration constant), J0 quickly
approaches zero with the inflationary expansion of the universe. For simplicity, we assume
J0 = 0 is already achieved to a good approximation in the inflationary epoch relevant to our
scenario. The equation J0 = 0 has a trivial solution φ˙ = 0 as well as a nontrivial solution
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given by
KX + 3λHφ˙/M
3 = 0, (10)
for which the energy density (7) reduces to ρφ = −K. Here, we are concerned about the
nontrivial solution only, and thus the canonical case (K = X and λ = 0) is out of our
interest. Solving Eq. (10) with respect to φ˙ yields
φ˙ = M
(
−3λH +
√
9λ2H2 + 2M2
)
, (11)
where we have picked up only a solution satisfying φ˙ > 0.
If the Galileon term is subdominant, i.e., λH ≪M , we have φ˙ ≈ √2M2 and ρφ ≈ M4/2.
Thus, the spectator field φ approximately behaves as a cosmological constant. If, on the
other hand, the Galileon term is dominant, i.e., λH ≫ M , we have φ˙ ≈ M3/(3λH) and
ρφ ≈ M6/(18λ2H2). Given that H is a decreasing function of time, ρφ increases with time.
This analysis implies that, even if the energy density ρφ is negligible during inflation, it finally
dominates the Universe if the period of shift symmetric regime lasts for sufficiently long time.
The dominance of φ at late time does not happen if φ passes through the transition regime
and moves to another shift symmetric regime φ > µ before φ dominates the Universe. In
order to see this, let us assume φ > µ. We will see later that φ actually becomes larger than
µ in the case we are interested in. In this case, solution of Eq. (10) becomes
φ˙ = M
(
−3λH ±
√
9λ2H2 − 2M2
)
, (12)
which is always negative. This means that another solution φ˙ = 0 of J0 = 0 is an attractor
in the current regime. Given that J0 ∝ φ˙ holds when φ˙ is sufficiently small, J0 ∝ a−3
means φ˙ approaches zero like φ˙ ∝ a−3. In terms of ρφ, it scales as ρφ ∝ a−6. Thus, once φ
enters the second shift symmetric regime, ρφ starts to decay quickly. Thus, fraction of ρφ
to the total energy density takes maximum during φ is in the transition regime. As we will
show, contribution of φ field perturbation to the curvature perturbation also takes maximum
during the transition regime. As a result, the curvature perturbation is temporally enhanced,
which may lead to efficient production of primordial black holes.
For the purpose of evaluating how much and how long the curvature perturbation is
temporally enhanced, we need to analyze the motion of φ during and after the transition
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regime. Given that the Galileon term becomes less important compared to X2 term in K as
H decreases (see Eq. (11)), for simplicity, we consider a case in which the Galileon term has
already become subdominant when φ reaches −µ. We do not make particular assumption
about the magnitude relation between the Galileon term and the X2 term during inflation.
Under this setting, we can impose initial conditions such that φ = −µ, φ˙ = √2M2 and
a = 1. The equation of motion for φ in our present case (φ ≥ −µ) becomes
d
dt
[(
A(φ) +
φ˙2
2M4
)
φ˙
]
+ 3H
(
A(φ) +
φ˙2
2M4
)
φ˙ =
φ˙2
2
Aφ(φ). (13)
Meanwhile, the energy density (7) and pressure (8) become
ρφ =
φ˙2
2
(
A(φ) +
3φ˙2
4M4
)
, pφ =
φ˙2
2
(
A(φ) +
φ˙2
4M4
)
, (14)
and the Friedmann equation is
H2 =
1
3M2P
(ρ+ ρφ), (15)
where ρ is the dominant component (descendant of inflation energy density). If the inflaton
has already decayed into radiation, ρ is the radiation energy density. If it is still in the
period of inflaton oscillations, equation of state of ρ depends on the potential shape. In our
analysis, we assume ρ is in the form of radiation. Other cases with different values of w can
be analyzed similarly. Note that at the critical time t = tc, where A(φ) = φ = 0, one finds
that wφ = pφ/ρφ = 1/3.
To solve the above equation of motion, it is convenient to use the dimensionless parameters
defined by
x ≡ φ
µ
, τ ≡
√
2
M2
µ
t, h ≡ 1
a
da
dτ
, (16)
and we denote x′ ≡ dx/dτ . We choose the origin of time τ = 0 when x = −1. We also
define the useful dimensionless parameters y ≡ µ/Mp and ǫ ≡ M4/ρr,tra where ρr,tra is the
energy density of radiation evaluated at τ = 0.
For −1 ≤ x ≤ 1, we may convert the equation of motion (13) and the Friedmann equation
(15) into dimensionless forms as
d
dτ
[(
x+ x′ 2
)
x′
]
+ 3h
(
x+ x′ 2
)
x′ =
1
2
x′ 2, (17)
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h2 =
y2
6
[
1
ǫ
1
a4
+
(
x+
3
2
x′ 2
)
x′ 2
]
. (18)
Similarly, for x > 1, Eqs. (13) and (15) are given by
d
dτ
[(
1 + x′ 2
)
x′
]
+ 3h
(
1 + x′ 2
)
x′ = 0, (19)
h2 =
y2
6
[
1
ǫ
1
a4
+
(
1 +
3
2
x′ 2
)
x′ 2
]
. (20)
Taking the initial conditions a = 1, x = −1 and x′ = 1 at τ = 0, the equation of state wφ
for −1 ≤ x ≤ 1 is
wφ =
2x+ x′ 2
2x+ 3x′ 2
. (21)
This shows wφ = −1 at τ = 0 and wφ = 1/3 when x = 0. Thus, fraction of ρφ becomes
maximal exactly when x = 0. We can introduce another useful parameter η by
η ≡ µH
M2
∣∣∣∣
φ=−µ
=
√
y2
3
(
1
ǫ
+
1
2
)
, (22)
where the second relation is obtained from Eq. (18) at τ = 0. This quantity measures if φ
passes through the transition regime within Hubble time (η ≪ 1) or not (η ≫ 1). When the
universe is dominated by radiation, that is ǫa4 ≪ 1, both Eqs. (18) and (20) become
h2 ≃ y
2
6ǫa4
≃ η
2
2a4
, (23)
whose solution can be immediately obtained as
a = (
√
2ητ + 1)1/2. (24)
By numerically solving the equations of motion above with initial conditions such that
x(0) = −1, x′(0) = 1, a(0) = 1, we can determine the time evolution of φ and a. In the
two limiting cases (η ≪ 1 and η ≫ 1), analytic computations are possible, which helps us
to understand the dynamics qualitatively. In what follows, we consider the two cases one
by one.
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1. Case I: η ≫ 1
Let us first consider the case in which η ≫ 1. In this case, expansion of the Universe
cannot be neglected during φ is in the transition regime. When 0 < τ < 1/η ≪ 1, we have
h ≃ η/√2, and the equation of motion (17) leads to
d
dτ
[(
x+ x′ 2
)
x′
]
+
3√
2
η
(
x+ x′ 2
)
x′ =
1
2
x′ 2. (25)
During this period, the solution near initial time can be written as
x(τ) = −1 + τ − 1
8
τ 2 +O(τ 3), (26)
x′(τ) = 1− 1
4
τ +O(τ 2). (27)
This implies that we still have x ≃ −1 and x′ ≃ 1 at τ = 1/η.
After τ = 1/η, we have h ≃ 1/2τ and Eq. (17) becomes
d
dτ
[(
x+ x′ 2
)
x′
]
+
3
2τ
(
x+ x′ 2
)
x′ =
1
2
x′ 2, (28)
which shows no explicit dependence on η. Thus the final value of x at τ →∞ as well as x′
at x = 0 are independent of η. This is indeed verified by numerical integration of Eq. (17),
as seen by Fig. 1. This conclusion is valid as long as the universe remains dominated by
radiation. If η is too large such that ǫη2 ≫ 1, one finds ǫa4 ≫ 1 before the critical time τc
where x(τc) = 0. In this case the universe is dominated by ρφ before x = 0 and a secondary
inflation is induced by the spectator field.
In the case of η < 1/
√
ǫ, numerical calculation shows that final value of φ becomes slightly
larger than µ and φ settles down in the shift symmetric phase. Thus, the argument in the
paragraph below Eq. (12) can be applied and φ field eventually evolves as a free scalar with
wφ = 1. Keeping in mind that wφ(0) = −1 and wφ(τc) = 1/3, the energy density ρφ is
decaying slower (faster) than ρr before (after) the critical time and rφ reaches a maximum
value rmaxφ ≃ ǫη2 around τc.
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FIG. 1: The left and right panel shows the value of xf ≡ x (τ → ∞) and x′c ≡ x′ (τ = τc) as a
function of η, respectively. The initial conditions at τ = 0 are x(0) = −1, x′(0) = 1 and a(0) = 1,
where we use ǫ = 1×10−5. In the left panel, xf shows a plateau in the region of 1≪ η < 1/
√
ǫ and
it evolves proportional to 1/η when η ≪ 1. In the right panel, x′c shows a plateau in the region of
1≪ η < 1/√ǫ and x′c = 3−1/4 when η ≪ 1. In both figures, the plateau of the value breaks down
when η > 1/
√
ǫ.
2. Case II: η ≪ 1
In the opposite case where η ≪ 1, the effect of the cosmic expansion is negligible during
φ moves from −µ to µ. Thus we can drop the Hubble friction terms in Eq. (17), which yields
d
dτ
[(
x+ x′ 2
)
x′
]
=
1
2
x′ 2. (29)
This leads to the conservation of energy density as
x′ 2
(
x+
3
2
x′ 2
)
=
1
2
, (30)
where we have used the initial conditions x = −1 and x′ = 1 at τ = 0. It is easy to obtain
from Eq. (30) that x′ = 3−1/4 at x = 0 and that x′ = 1/
√
3 at x = 1.
We may now solve the dynamics for x > 1. Taking τ1 as the time when x(τ1) = 1, we
have the initial value x′(τ1) = 1/
√
3. Since ǫη2 ≪ 1 always holds when η ≪ 1, the universe
keeps radiation-dominated and the scale factor follows Eq. (24). Meanwhile, by integrating
once Eq. (19), we have
a3
(
1 + x′ 2
)
x′ =
4
3
√
3
, (31)
where the initial conditions x′(τ1) = 1/
√
3 and a(τ1) = 1 are used. Here, it suffices to
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approximate 1 + x′ 2 → 1 since x′ → 0 is the attractor of this phase, and thus a3x′ ≃ 4/3√3
after some time. With this approximation, we can evaluate the final value of x as
xf = 1 +
∫ ∞
τ1
dτ
4
3
√
3 a3(τ)
≈ 4
√
2
3
√
3η
. (32)
Using Eq. (24), we find that xf ∝ 1/η in the present case, which is confirmed by the
numerical integration of the equations of motion (see the left panel of Fig. 1).
III. GENERATION OF THE CURVATURE PERTURBATION
In this section, we will show that the curvature perturbation is temporally enhanced
at around a critial time when φ = 0. Since such curvature perturbation is sourced by the
perturbation of φ, we will first compute the φ field perturbation and then proceed to evaluate
the curvature perturbation by means of the δN formalism.
A. Spectator field perturbation
To study the perturbation of the spectator field, we first decompose the scalar field into
a homogeneous and an inhomogeneuos parts:
φ(t,x)→ φ(t) + δφ(t,x). (33)
Given the subdominance of φ, we treat φ as a test field on a fixed background spacetime
(de Sitter space).
Substituting the decomposition Eq. (33) into the original Lagrangian (1) and expanding
it up to second order in perturbation, in the shift symmetric phase, we have
L(2)φ =
∫
dtd3x
[
a3
2
D ˙δφ2 − a
2
C
(
~∇δφ
)2]
, (34)
where C and D are given by [25],
C = KX + 2 λ
M3
(φ¨+ 2Hφ˙), D = KX + 2XKXX + 6 λ
M3
Hφ˙. (35)
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Variation of Eq. (34) yields
δφ¨+
(
3 +
D˙
HD
)
Hδφ˙− c
2
s
a2
∇2δφ = 0, (36)
where c2s = C/D is the sound speed squared. To avoid instablities, one requires c2s ≥ 0. As we
will see later, this condition is satisfied in the situation we consider. On the nearly de Sitter
background, we have |D˙/(HD)| ≪ 1 and the dominant friction term takes the standard
form. Thus, for any mode outside the sound horizon (csk < aH), two basic solutions of
Eq. (36) are constant mode and the decaying mode. The former determines the amplitude
of δφ at the time when φ reaches −µ. Quantization of the second order Lagrangian on the
nearly de Sitter background gives power spectrum of δφ on large scales (csk ≪ aH) as
Pφ = H
2
∗
4π2c3sD
, (37)
where the subscript ∗ means that corresponding quantity is evaluated at a time when the
relevant mode crosses the sound horizon csk = a∗H∗.
If the Galileon term is negligible at the time of sound horizon crossing, i.e., M ≫ λH∗,
then we have
C ≈ 4
√
2
λH∗
M
, D ≈ 2, c2s ≈ 4
√
2
λH∗
M
, Pφ ≈ 1
32
√
2
(
H∗
2π
)2(
λH∗
M
)−3/2
. (38)
It is evident that one can obtain a large spectrum from a very small sound speed by taking
λ → 0. If, on the other hand, the Galileon term is dominant at the time of sound horizon
crossing, i.e., M ≪ λH∗, then we have
C ≈ 1
3
, D ≈ 1, c2s ≈
1
3
, Pφ ≈ 3
√
3
(
H∗
2π
)2
. (39)
One should also consider the stochastic effect of the quantum fluctuations of the spec-
tator field, ∆φquant ∼ H∗/(2π
√
Dc
3/2
s ), during inflation. Since each quantum k mode of φ˙
contributes to the background φ˙ at each sound horizon crossing time, background φ˙ changes
on average by the amount of ∆φ˙quant = H∆φquant at each Hubble time. If this variation of
φ˙ exceeds a certain threshold which we denote by ∆φ˙cl, φ˙ of the attractor solution Eq. (11)
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can jump into other attractor solutions.
In the case the Galileon is subdominant (M ≫ λH∗), the positive solution of Eq. (11)
is approximately equal to the absolute value of the negative solution. If transitions to both
φ˙ = 0 and negative φ˙ could happen in the Hubble time, the observable Universe when infla-
tion ends would consist of three kinds of patches corresponding to three different attractor
solutions. Recalling that the negative φ˙ behaves as a cosmological constant, the negative φ˙
patch is eventually dominated by φ and the second (eternal) inflation by φ commences. In
addition to this, the background solution φ˙ = 0 is unstable since the fluctuation around this
solution becomes ghost. We require that such transitions to other attractor solutions do not
happen in all of the sound horizon patches (∼ (c−1s eNinf )3 = e−3 ln cs+3Ninf) constituting the
observable Universe, where Ninf is the number of e-folds of inflation covering the observable
Universe. In other words, probability of jumping of φ˙ to φ˙ = 0 must be suppressed by more
than
√
6(Ninf − ln cs) σ Gaussian probability;
H∆φquant <
1√
6(Ninf − ln cs)
∆φ˙cl. (40)
Given our ignorance of the precise value of Ninf , we assume Nin− ln cs = 60, for definiteness.
Our condition (see Eq. (41)) changes only little even if we choose another value as long as
it is O(50− 70). Using Eq. (38) and ∆φ˙cl =
√
2(1− 1√
3
)M2, the condition (40) leads to
H∗
M
<
(
4× 23/4
3
√
5
(
1− 1√
3
))4/5
λ3/5 ≈ 0.5λ3/5, for M ≫ λH∗. (41)
On the other hand, in the Galileon dominant case (M ≫ λH∗), since the positive solution
of Eq. (11) is much smaller than the absolute value of the negative solution, transition only
to φ˙ = 0 occurs unless the Hubble parameter is higher than max{λM, λ−1M}. As stated
above, the background solution φ˙ = 0 is unstable quantum mechanically. To avoid this
situation, we impose again Eq. (40), which leads to
H∗
M
<
(
π
54× 33/4
)1/3
λ−1/3 ≈ 0.3λ−1/3, for M ≪ λH∗. (42)
Final condition imposed for the model parameters is that ρφ should not exceed the inflaton
13
Stochasticity Subdominance of
FIG. 2: The region satisfying conditions (41)-(44) is colored orange.
energy density. This condition leads to
M < 61/4
√
MPH∗, for M ≫ λH∗, (43)
M < 21/631/2λ1/3M
1/3
P H
2/3
∗ , for M ≪ λH∗. (44)
The region satisfying these conditions (41)-(44) is shown in Fig. 2. We find that M > H∗ is
a necessary condition to satisfy the conditions.
B. Curvature perturbation
Having understood the amplitude of the spectator field perturbation generated during
inflation, we can now study evolution of the curvature perturbation sourced by the φ field
during transition regime. To this end, we adopt the δN formalism [26–30] to compute the
curvature perturbation ζ defined for the total energy density. On super-Hubble scales, the
metric can be written as
ds2 = −α2dt2 + a2(t)e2ψδijdxidxj. (45)
In this form, ψ represents the curvature perturbation on the t = const. hypersurface. If we
choose the t = const. hypersurface at an initial time (in our present case, we take it to be
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the time when φ reaches −µ.) to be flat slicing and at later time of interest to be constant
energy density slicing, then, denoting the curvature perturbation on such slicing as ζ , ζ at
any point is equal to the perturbation of number of e-folds computed as if the same point
were evolving like the unperturbed FLRW universe with initial conditions specified by the
sourcing field perturbations evaluated on the initial flat hypersurface.
Having briefly reviewed the basics of the δN formalism, let us now formulate how to com-
pute ζ in our current situation. Due to the fronzen-in of φ field perturbation on super-Hubble
scales in the shift symmetric regime, perturbation of φ on the initial flat hypersurface(time
when φ = −µ) is nothing but δφ∗ given in the last subsection. If there is perturbation δφ∗
at a given position, then the time φ arrives at −µ deviates from the one in the unperturbed
universe by δttra = δφ∗/φ˙. In terms of the e-fold number, the corresponding deviation is
δNtra = Htraδttra =
Htraδφ∗
φ˙
. (46)
This results in some difference of the initial radiation energy density evaluated at φ = −µ
by an amount
δρr,tra = ρr,trae
4δNtra − ρr,tra ≈ 4ρr,traδNtra. (47)
At each position, the perturbation δρr∗ changes the parameter ǫ by
δǫ =
M4
ρr,tra + δρr,tra
− M
4
ρr,tra
≈ −4ǫδNtra = −4ǫ η δx∗√
2
, (48)
where δx∗ ≡ δφ∗/µ. Let us denote by Nf(ǫ, y) the number of e-folds measured from the
initial time when x = −1, x′ = 1 to the time when h = hf for given parameters (ǫ, y).
Then, at each perturbed position, the total number of e-folds measured form the initial flat
hypersurface to the time when the Hubble parameter decreases to a fixed value Hf is a sum
of −δNtra and Nf (ǫ+ δǫ, y). Identifying this amount of δN as ζ , we conclude that
ζ = −δNtra + ∂Nf
∂ǫ
∣∣∣∣
y
δǫ = −η
(
1 + 4ǫ
∂Nf
∂ǫ
∣∣∣∣
y
)
δx∗√
2
. (49)
As a result, we can immediately compute ζ by using the above formula once Nf (ǫ, y) is
known. In the present analysis, contribution of inflaton perturbation to ζ , which is assumed
to be responsible for the observed CMB anisotropies, is neglected since it does not play any
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role in temporally enhancing the curvature perturbation. In what follows we analytically
evaluate the curvature perturbation in the limiting cases of η ≫ 1 and η ≪ 1.
1. Case I: η ≫ 1
In this case, the scale factor during the radiation domination is given by Eq. (24), and
the Hubble parameter quickly becomes h ≈ 1/(2τ) after τ = 1/η ≪ 1. When τ > 1/η, the
dynamics of x follows
d
dτ
[(
A(x) + x′ 2
)
x′
]
+
3
2τ
(
A(x) + x′ 2
)
x′ =
1
2
x′ 2Ax, (50)
where A(x) = x for −1 ≤ x ≤ 1 and A(x) = 1 for x > 1. Since x(τ) is independent of η, we
may express the dimensionless energy density as a function of time τ as
x′ 2
(
A(x) +
3
2
x′ 2
)
= f(τ) = f
(
a2√
2 η
)
. (51)
Then Friedmann equation (18) becomes
h2f =
y2
6
[
1
ǫe4Nf
+ f
(
e2Nf√
2 η
)]
, (52)
from which we obtain
4ǫ
∂Nf
∂ǫ
∣∣∣∣
y
= −1 + ǫ η2τ 3f ′(τ). (53)
By using the formula (49), the curvature perturbation reads
ζ = −ǫ η3τ 3f ′(τ)δx∗√
2
. (54)
Given that τ and f(τ) are O(1) quantities at around x = 0, we find that ζ/δx∗ takes an
amplitude of O(ǫη3) for τ ≃ τc. In the case of 1 ≪ η < 1/
√
ǫ, the dynamics eventually
enters the second shift symmetric phase(x > 1) and φ starts to behave as a free scalar
field x′ ∼ 1/a3 and f(τ) ∼ e−6Nf . In this phase, ζ decays in proportion to a−2. Thus, ζ
is temporally enhanced in the transition period. Numerical integration of the background
equations of motion shows τc ≈ 1.4 and f ′(τc) ≈ −0.1. Thus, we have ζ(τc)/δx∗ ≈ 0.2 ǫη3,
which basically gives the maximal amplitude of the enhanced curvature perturbation.
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2. Case II: η ≪ 1
In this regime, the universe expands little from x = −1 to x = 1. Therefore we may
evaluate Nf only after x = 1. Recalling that, for x > 1, we have obtained a solution from
Eq. (31) as
x′ ≃ 4
3
√
3
1
a3
, (55)
the Friedmann equation (20) can be written as
h2f =
y2
6
(
1
ǫe4Nf
+
16
27
1
e6Nf
)
. (56)
Since ǫ≪ 1, one finds that Nf (ǫ, y) is given by
− 4Nf ≈ ln
(
6h2fǫ
y2
)[
1− 8
81
y2
h2f
(
6h2fǫ
y2
)3/2]
. (57)
Plugging this result into Eq. (49), we finally arrive at
ζ =
16
27
ǫη
e2Nf
(6Nf − 1)δx∗√
2
. (58)
It is evident that the curvature perturbation ζ/δx∗ has a maximal amplitude of
16
9
√
2
e−4/3ǫη
when Nf = 2/3 and gradually decays in proportion to 1/a
2 after that.
IV. PRIMORDIAL BLACK HOLES AND REHEATING OF THE UNIVERSE
It has been pointed out that temporal enhancement of the primordial curvature per-
turbation can leave imprints through the black hole formation at the time the enhanced
curvature perturbation reenters the horizon [19]. The same consequence is expected in our
present scenario, which we investigate in this section.
Primordial black hole are formed when curvature perturbation with an amplitude close
to unity enters the Hubble radius during radiation domination with their typical mass given
by the horizon mass at that time 1. Precise threshold amplitude of ζ depends on the initial
1 PBH mass can be significantly smaller than the horizon mass if the perturbation amplitude is very close
to the threshold value [31, 32]. We do not consider this effect in this paper.
17
perturbation profile [33, 34]. In [34], it was found that threshold value of the comoving
density perturbation smoothed over the Hubble horizon at the time of horizon crossing
required for the PBH formation ranges from 0.45 ∼ 0.5. In terms of ζ , the corresponding
range is 0.59 ∼ 0.63. Since our purpose is to identify parameter region where PBHs are
produced abundantly, it is sufficient to take a single threshold value, say ζth = 0.6, to
estimate the abundance of PBHs. Approximating the statistical distribution as Gaussian,
the fraction of the Universe collapsing into PBHs is estimated as
β =
∫ ∞
ζth
1√
2πζ(τc)
exp
(
− ζ
′2
2ζ2(τc)
)
dζ ′ ≃ ζ(τc)√
2πζth
exp
(
− ζ
2
th
2ζ2(τc)
)
≈ 0.7ζ(τc)e−
0.18
ζ2(τc) .
(59)
Since the amplitude of the enhanced ζ depends on ǫ (see last section), let us first evaluate
possible range of ǫ to be consistent with the recent measurement of the tensor mode by
BICEP2 [35]. Detection of the tensor mode with the tensor-scalar ratio r = O(0.1) directly
gives the Hubble parameter H∗ during inflation as
H∗ ≃ 8× 1013 GeV
( r
0.1
)1/2
. (60)
We use H∗ = 8 × 1013 GeV as a reference value of H∗ hereafter. Cases in which H∗ is
smaller than this value can be studied in a similar way. Since the total energy density
during inflation is larger than the one in the post-inflationary era, we have
ǫ >
M4
3M2PH
2
∗
>
H2∗
3M2P
= 4× 10−10, (61)
where we have used an inequality M > H∗ obtained in the last section to obtain the second
inequality. This is an absolute lower bound on ǫ. If we consider realistic situation, since the
energy density when φ = −µ is smaller than that in the inflationary epoch, the actual lower
bound on ǫ becomes larger than Eq. (61). To estimate it, let us assume that the Hubble
parameter at the end of inflation is given by Hend = H∗/
√
N , where N is the number of
e-folds during inflation since the CMB scale left the Hubble horizon. This relation holds
in the chaotic inflation model with quadratic inflaton potential and also, up to O(1) factor
difference, in other polynomial potentials. As the most extreme case, we consider that
termination of inflation is immediately followed by reheating (instant reheating) and φ comes
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to −µ at that time. In such a case, we have
ǫ =
NM4
3M2PH
2
∗
= 2× 10−4
(
N
50
)(
M
10H∗
)4(
H∗
8× 1013 GeV
)2
, (62)
η = 4
(
µ
0.1MP
)(
N
50
)−1/2(
M
10H∗
)−2(
H∗
8× 1013 GeV
)−1
. (63)
The later φ arrives at −µ, the larger ǫ becomes. This estimate shows that there is parameter
space in which ǫ remains less than unity and the second inflation by φ field is circumvented.
With ǫ and η given by Eqs. (63), let us first evaluate ζ(τc) in the Galileon dominant case
(λH∗ ≫M) for completeness. In this case, we find
ζ(τc) =


3× 10−8(N
50
)1/2( M
10H∗
)2(
H∗
8×1013 GeV
)2
for η ≪ 1,
3× 10−7
(
µ
0.1MP
)2(
N
50
)−1/2( M
10H∗
)−2
for η ≫ 1.
(64)
Given that M . 100 H∗ and µ .MP to avoid the second inflation by φ as well as M > H∗
obtained in the last section, we find that ζ(τc) is significantly lower than unity in both cases.
Therefore, there is no observational trace if the Galileon term dominates during inflation.
Hereafter, we consider the opposite case (M ≫ λH∗) for which we described background
evolution in some detail in Sec. II. In this case, we have
ζ(τc) =


10−8
(
N
50
)1/2( M
10H∗
)11/4(
H∗
8×1013 GeV
)2
λ−3/4 for η ≪ 1,
10−7
(
µ
0.1MP
)2(
N
50
)−1/2( M
10H∗
)−5/4
λ−3/4 for η ≫ 1.
(65)
Due to negative power dependence on λ, amplitude of the curvature perturbation becomes as
large as unity for λ≪ 1. Notice that λ < 1 automatically satisfies M ≫ λH∗ since M > H∗
is always imposed. For instance, taking µ = MP in the latter case, which is the possible
maximal value of µ to avoid the second inflation by φ, ζ(τc) exceeds unity for λ . 2× 10−7.
For such a small value of λ, PBHs would be overproduced, and λ should take a larger value.
Even if λ is larger than this value, PBHs are still produced (but not as efficiently as the
case of smaller λ) since ζ > 1 is realized at the tail of the probability distribution of ζ . As
mentioned before, typical mass of PBHs is given by the horizon mass at the time of PBH
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formation as
MPBH =
1
2GHc
≈ 100 g
(
M
10 H∗
)−2(
µ
0.1 MP
)(
H∗
8× 1013 GeV
)−2
. (66)
These BHs evaporate by the Hawking radiation later. The evaporation time tev is given by
tev = 4× 10−22 s
( grel
200
)−1(MPBH
100 g
)3
, (67)
where grel is the degrees of freedom of relativistic particles that constitute radiation. The
corresponding Hubble parameter and the radiation temperature are given by
Hev ≈ 8×10−4 GeV
( grel
200
)(MPBH
100 g
)−3
, Tev ≈ 2×107 GeV
( grel
200
)1/4(MPBH
100 g
)−3/2
. (68)
The value of β for which the PBHs just start being the dominant component at the time of
their evaporation is determined as
β =
√
Hev
Hc
≈ 2× 10−8
( grel
200
)1/2(MPBH
100 g
)−1
. (69)
The corresponding ζ(τc) for β ≃ 2 × 10−8 is given by ζ(τc) ≈ 0.11. To conclude, for
ζ(τc) ≈ 0.11, PBHs would dominate the Universe before they evaporate and the Universe is
again reheated by the evaporation of PBHs.
The scenario of reheating by PBH evaporation in our model can be tested by the future
space interferometer DECIGO [36]. After the PBHs dominate the Universe, the Universe
undergoes the matter dominance expansion a ∼ t2/3 until the PBHs evaporate. During the
PBH dominance, the tensor modes of inflationary origin are diluted like ∝ a−1 compared to
the PBH energy density. This dilution stops after the PBH evaporation and the Universe
undergoes the radiation dominance expansion. As a result, the spectrum of tensor modes
today (Ωgw) exhibits red-tilt in a frequency range corresponding to the period of PBH
dominance like Ωgw ∝ f−2, while Ωgw ∝ f 0 outside that range [37]. In terms of the today’s
frequency, two frequencies at the edges of this range are given by
flow ≈ 0.8 Hz
( grel
200
)1/6( Tev
2× 107 GeV
)
, fhigh ≈
(
β
2× 10−8
)2/3
flow. (70)
20
10-6 10-4 0.01 1 100
10-19
10-15
10-11
10-7
0.001
f@HzD
W
gw
Hf
L
FIG. 3: Present primordial tensor mode spectrum for flow = 0.1 Hz and fhigh = 0.3 Hz (thick blue
curve). To draw the curve, we have assumed the chaotic inflation by quadratic inflaton potential
for which r ≃ 0.15 at the CMB scale. Dotted(dashed) red curve is the sensitivity curve of the
correlated analysis of DECIGO (ultimate-DECIGO), assuming 10 year observation.
Amplitude of Ωgw for f > fhigh is suppressed by a factor (flow/fhigh)
2 compared with that
for f < flow. In Fig. 3, we show one example of the resultant tensor mode spectrum with
sensitivity curves of DECIGO and ultimate-DECIGO [38, 39]. For the computation of the
present tensor mode spectrum over the DECIGO band, see [40, 41]. We find that ultimate-
DECIGO can measure the tensor spectrum in a range covering both flow and fhigh if both
quantities take suitable values.
So far, we have fixed the Hubble parameter during inflation as the one suggested by
the BICEP2 measurement. If the Hubble parameter is smaller than this value, temporal
enhancement happens at lower energy scales and the mass of the PBHs becomes larger. For
instance, if we take H∗ ≈ 10−4 GeV, Eq. (66) gives MPBH ≈ 104 M⊙. Evaporation time of
such PBHs is much longer than the age of the Universe, and reheating by BH evaporation
does not work. Yet, those PBHs are interesting in the context of supermassive BHs residing
in present galaxies as PBHs in the mass range 103M⊙ ∼ 105M⊙ can be seeds for the present
supermassive BHs [42].
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V. CONCLUSION
In this paper, we have studied a model in which the inflaton-generated curvature per-
turbation explains the observed CMB temperature anisotropies but primordial curvature
perturbation is temporarily dominated in the primordial era by another perturbation con-
verted from an evolving spectator field whose energy density is negligible during inflation.
As a working model, we have considered the spectator field whose Lagrangian has, in
addtion to the canonical kinetic term, a X2 term (X = −1
2
(∂φ)2) and the Galileon term
and is shift symmetric for the field absolute value being larger than a particular value. The
spectator field is assumed to be moving in the shift symmetric regime during inflationary
era and to reach the region of shift symmetry breaking in the post-inflationary epoch. In the
shift symmetric region, the energy density of the field behaves as a cosmological constant and
gradually increases compared to the dominant component. Thanks to the explicit breaking
of the shift symmetry in the Lagrangian, this field has a graceful exit from driving a second de
Sitter expansion by this field. After the field passes through the transition regime, it enters
another shift symmetric region where the field behaves as a stiff matter whose equation of
state obeys Pφ = ρφ. By analytically solving the background equations of motion of the
spectator field both during and after inflation, we have shown that contribution of this field
to the total energy density becomes maximal during the phase of shift symmetry breaking,
after which its fraction decays in proportion to a−2.
We then evaluated generation and evolution of the field perturbation on de Sitter back-
ground. Adopting the energy scale of inflation recently suggested by the BICEP2 experi-
ment, we investigated the parameter space where stochatic effects and the second inflation,
both of which spoil the scenario we consider, are circumvented. These conditions require
that the characteristic energy scale of the spectator field is larger than the Hubble param-
eter during inflation. Having computed the amplitude of the field perturbation, we then
calculated the curvature perturbation sourced by the spectator field by means of the δN
formalism. We found that a temporal enhancement of the curvature perturbation is real-
ized when the field is in the transition regime. The enhancement persists over about one
Hubble time. The amplitude of the enhanced curvature perturbation is much smaller than
unity if the Galileon term determines the background dynamics of the spectator field dur-
ing inflation. In this case, there is no observable that we can probe this scenario. On the
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other hand, if the Galileon term is always subdominant, due to reduction of the sound speed
of the spectator field compared to the former case, field perturbation is amplified and the
resultant enhanced curvature perturbation can be as large as unity for some range of pa-
rameter space. When the perturbation modes during the temporal enhancement reenter the
Hubble horizon, primordial black holes are efficiently produced. Once produced, they may
dominate the late time Universe and after that, they evaporate by the Hawking radiation
and the Universe is again reheated from which all the relevant matter in today’s Universe is
produced. Dominance of PBHs and the reheating by their evaporation modify the expansion
history of the primordial Universe, which is left in the shape of the power spectrum of the
inflationary tensor mode. Characteristic feature of the tensor mode spectrum is the red-tilt
(Ωgw ∝ f−2) in a frequency range corresponding to PBH dominated epoch and the (almost)
flat spectrum outside that range. Interestingly, this range naturally falls into the DECIGO
band and thus our scenario can be tested by measuring the primordial tensor modes.
Finally, the other interesting observable which we have not considered in this paper is
the gravitational waves from the second order coupling of the spectator field fluctuations.
In fact, the source term of the second-order gravitational waves can come from both the adi-
abatic curvature perturbation and the anisotropic stress caused by the kinetic energy of the
curvaton field [43]. The former source is independent of the underlying model and has been
studied in [19]. Given that large tensor modes generated by spectator fields with general-
ized kinetic energy during inflation are found [44], a formal investigation of the second-order
gravitational waves generated by a spectator field with higher-order kinetic interactions is
definitly desirable as a future research.
ACKNOWLEDGMENTS
The authors would like to thank Sachiko Kuroyanagi for providing us the sensitivity
curves of DECIGO and ultimate-DECIGO. The authors would also like to thank Tsutomu
Kobayashi, Tomohiro Nakama and Yuki Watanabe for useful comments and discussions.
Y. P. W. is supported by National Science Council Overseas Project for Post Graduate
Research (NSC-102-2917-I-007-030). This work was supported by JSPS Grant-in-Aid for
Scientific Research 23340058(JY) and Grant-in-Aid for Scientific Research on Innovative
23
Areas N0. 25103505(TS).
[1] P. Ade et al. (Planck Collaboration) (2013), 1303.5082.
[2] V. Mukhanov, Physical Foundations of Cosmology (Cambridge University Press, 2005).
[3] S. Mollerach, Phys.Rev. D42, 313 (1990).
[4] L. Kofman and A. D. Linde, Nucl.Phys. B282, 555 (1987).
[5] J. Yokoyama, Astron.Astrophys. 318, 673 (1997), astro-ph/9509027.
[6] K. Enqvist and M. S. Sloth, Nucl.Phys. B626, 395 (2002), hep-ph/0109214.
[7] D. H. Lyth and D. Wands, Phys.Lett. B524, 5 (2002), hep-ph/0110002.
[8] T. Moroi and T. Takahashi, Phys.Lett. B522, 215 (2001), hep-ph/0110096.
[9] D. H. Lyth, C. Ungarelli, and D. Wands, Phys.Rev. D67, 023503 (2003), astro-ph/0208055.
[10] D. H. Lyth (2005), astro-ph/0508127.
[11] T. Chiba, T. Okabe, and M. Yamaguchi, Phys.Rev. D62, 023511 (2000), astro-ph/9912463.
[12] C. Armendariz-Picon, V. F. Mukhanov, and P. J. Steinhardt, Phys.Rev.Lett. 85, 4438 (2000),
astro-ph/0004134.
[13] C. Armendariz-Picon, V. F. Mukhanov, and P. J. Steinhardt, Phys.Rev. D63, 103510 (2001),
astro-ph/0006373.
[14] C. Deffayet, O. Pujolas, I. Sawicki, and A. Vikman, JCAP 1010, 026 (2010), 1008.0048.
[15] R. Kimura and K. Yamamoto, JCAP 1104, 025 (2011), 1011.2006.
[16] C. Deffayet, X. Gao, D. Steer, and G. Zahariade, Phys.Rev. D84, 064039 (2011), 1103.3260.
[17] C. Armendariz-Picon, T. Damour, and V. F. Mukhanov, Phys.Lett. B458, 209 (1999), hep-
th/9904075.
[18] T. Kobayashi, M. Yamaguchi, and J. Yokoyama, Phys.Rev.Lett. 105, 231302 (2010),
1008.0603.
[19] T. Suyama and J. Yokoyama, Phys.Rev. D84, 083511 (2011), 1106.5983.
[20] A. Nicolis, R. Rattazzi, and E. Trincherini, Phys.Rev. D79, 064036 (2009), 0811.2197.
[21] C. Deffayet, G. Esposito-Farese, and A. Vikman, Phys.Rev. D79, 084003 (2009), 0901.1314.
[22] C. Deffayet, S. Deser, and G. Esposito-Farese, Phys.Rev. D80, 064015 (2009), 0906.1967.
[23] A. A. Starobinsky, JETP Lett. 55, 489 (1992).
[24] N. Arkani-Hamed, H.-C. Cheng, M. A. Luty, and S. Mukohyama, JHEP 0405, 074 (2004),
24
hep-th/0312099.
[25] H. Wang, T. Qiu, and Y.-S. Piao, Phys.Lett. B707, 11 (2012), 1110.1795.
[26] A. A. Starobinsky, JETP Lett. 42, 152 (1985).
[27] M. Sasaki and E. D. Stewart, Prog.Theor.Phys. 95, 71 (1996), astro-ph/9507001.
[28] Y. Nambu and A. Taruya, Class.Quant.Grav. 15, 2761 (1998), gr-qc/9801021.
[29] M. Sasaki and T. Tanaka, Prog.Theor.Phys. 99, 763 (1998), gr-qc/9801017.
[30] D. H. Lyth, K. A. Malik, and M. Sasaki, JCAP 0505, 004 (2005), astro-ph/0411220.
[31] J. Yokoyama, Phys.Rev. D58, 107502 (1998), gr-qc/9804041.
[32] J. C. Niemeyer and K. Jedamzik, Phys.Rev. D59, 124013 (1999), astro-ph/9901292.
[33] M. Shibata and M. Sasaki, Phys.Rev. D60, 084002 (1999), gr-qc/9905064.
[34] T. Nakama, T. Harada, A. Polnarev, and J. Yokoyama (2013), 1310.3007.
[35] P. Ade et al. (BICEP2 Collaboration) (2014), 1403.3985.
[36] N. Seto, S. Kawamura, and T. Nakamura, Phys.Rev.Lett. 87, 221103 (2001), astro-
ph/0108011.
[37] N. Seto and J. Yokoyama, J.Phys.Soc.Jap. 72, 3082 (2003), gr-qc/0305096.
[38] H. Kudoh, A. Taruya, T. Hiramatsu, and Y. Himemoto, Phys.Rev. D73, 064006 (2006),
gr-qc/0511145.
[39] We would like to thank Sachiko kuroyanagi for providing us the sensitivity curves of DECIGO
and ultimate-DECIGO.
[40] K. Nakayama, S. Saito, Y. Suwa, and J. Yokoyama, Phys.Rev.D77, 124001 (2008), 0802.2452.
[41] K. Nakayama, S. Saito, Y. Suwa, and J. Yokoyama, JCAP 0806, 020 (2008), 0804.1827.
[42] R. Bean and J. Magueijo, Phys.Rev. D66, 063505 (2002), astro-ph/0204486.
[43] M. Kawasaki, N. Kitajima, and T. T. Yanagida, Phys.Rev. D87, 063519 (2013), 1207.2550.
[44] M. Biagetti, M. Fasiello, and A. Riotto, Phys.Rev. D88, 103518 (2013), 1305.7241.
25
